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Figure 9
(top) Schematic views of the almost-edge-on, warped maser disk of NGC 4258 (from Moran 2008)
with warp parameters from Herrnstein et al. (2005) and including the inner contours of the radio jet.
The relative positions of the receding, near-systemic, and approaching masers are indicated by red,
green, and blue spots, respectively. Differences in line-of-sight projection corrections to the slightly
tilted maser velocities account for the departures in the high-|V | masers from exact Keplerian
rotation. The near-systemic masers are seen tangent to the bottom of the maser disk bowl along the
line of sight. They drift from right to left in ∼ 12 years across the green patch where amplification
is sufficient for detection; this patch subtends ±4◦ as seen from the center (Moran 2008).
(bottom) NGC 4258 rotation curve V (r) versus radius in units of pc (bottom axis), Schwarzschild
radii (top axis), and milliarcsec (extra axis). The black curve is a Keplerian fit to 4255 velocities
of red- and blue-shifted masers (red and blue dots). The small green points and line show
10036 velocities of near-systemic masers and a linear fit to them. The green filled circle is the
corresponding mean V (r) point (§ 3.3.2). The maser data are taken from Argon et al. (2007).
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      M 87: M• = 6.2 x 109 M⊙  (Gebhardt et al. 2011)







NGC 4889: M• = 2.1 x 1010 M⊙  (McConnell et al. 2011)





High-Accuracy, High-Precision BH Masses with ALMA

Figure 1: Central portion of HST optical images of NGC 1332, 4261, and 4374 (from left to right).
In each case the field of view is 6′′ × 6′′. All images were taken with the WFPC2/PC camera. In
NGC 4374, in addition to the rotating circumnuclear disk, there is a larger-scale dust lane that is
spatially offset from the disk; this offset dust lane is visible in the upper half of the figure.

Table 1. Sample Properties
Galaxy Type cz D σ MBH Method rg rdisk

(km s−1) (Mpc) (km s−1) (M⊙) (arcsec) (arcsec)
NGC 1332 S0 1524 20.0 320 ± 10 (1.45 ± 0.2) × 109 stars 0.63 2.1
NGC 4261 E 2238 33.4 315 ± 15 5.5+1.1

−1.2 × 108 gas 0.15 0.8
NGC 4374 E 1060 17.0 296 ± 14 8.5+0.9

−0.8 × 108 gas 0.51 1.2

Notes: Basic data and BH masses are taken from NED and from Gültekin et al. (2009), Rusli et al.
(2011), Ferrarese et al. (1996), and Walsh et al. (2010). The “Method” column indicates whether
the previous BH mass measurement was done via the dynamics of stars or ionized gas. As described
above, we believe that the mass measured for NGC 4261 should be considered a lower limit, since
turbulent pressure support was not accounted for in modeling the ionized gas dynamics, thus the
estimated rg would also be a lower limit. The last column gives the dust disk radius rdisk in arcseconds.

2.3 Immediate objective:

Our goal is to detect the 12CO(2-1) emission from the circumnuclear disks and measure the velocity
profiles, which we anticipate will show double-horned shapes due to disk rotation (e.g., Lim et al.
2000). We choose 12CO(2-1) because it is likely to be the strongest molecular feature (i.e., often
stronger than the 1-0 transition), as shown by previous observations of early-type galaxies (e.g.,
Young et al. 2011). Additionally, the 12CO(2-1) line allows us to achieve higher angular resolution
than the 12CO(1-0) line. We will model the CO line profiles to obtain preliminary estimates of
BH masses, and we will use the measured CO fluxes as a guide toward preparation of future ALMA
proposals for deeper and higher-resolution observations that will enable us to measure the BH masses
directly and accurately from the spatially resolved disk kinematics.

Figure 2 shows simulations of the 12CO(2-1) line profiles for the NGC 4261 disk as an example.
Using the disk inclination measured from HST data (i = 64◦; Ferrarese et al. 1996), the simulations
show that the overall profile width and separation of the double horns of the profile are sensitive
to MBH, even when the disk is spatially unresolved. Furthermore, the overall profile width is not
highly sensitive to the radial profile of CO surface brightness in the disk. While local inhomogeneities
in disk structure will likely make the line profiles somewhat irregular compared with these simple
model predictions, the profile width is still capable of demonstrating the presence of a central massive
object. Future, higher-resolution ALMA data that spatially resolves the disk kinematics can be used
to directly model the disk kinematics and BH mass even if local irregularities in surface brightness
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If we use individual errors in MK,bulge (± 0.2) and log �e and add individual errors in log M• to
the intrinsic scatter in quadrature and iterate the intrinsic scatter until the reduced �2 = 1, then

log
✓

M•

109 M�

◆
= �(0.253±0.052)�(0.484±0.036)(MK,bulge+24.21); intrinsic scatter = 0.31; (4)

log
✓

M•

109 M�

◆
= �(0.501±0.049)+(4.414±0.295) log

✓
�

200 km s�1

◆
; intrinsic scatter = 0.28. (5)

The di↵erence between the two sets of fits is small. Taking account also of fits that use di↵erent
combinations of points, we conclude that the intrinsic log M• scatter in M•–MK,bulge is 0.31±0.02,
almost the same as the intrinsic scatter 0.29±0.03 in M•–�e. This conclusion has also been reached
by other authors who use infrared luminosities (e. g., Marconi&Hunt 2003; Sani et al. 2011).

Rewriting Equations 2 and 3 in physically more transparent forms,

M•

109 M�
=

✓
0.542+0.069

�0.061

◆ ✓
LK,bulge

1011 LK�

◆1.21±0.09

(6)

M•

109 M�
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✓
0.309+0.037

�0.033
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�

200 km s�1

◆4.38±0.29

(7)

6.6.1.The M• – Mbulge correlation and the ratio of BH mass to bulge mass
Galaxy formation work requires the mass equivalent of Equation 6, the M• – Mbulge correlation.

This is tricker to derive than it sounds. It is not just a matter of multiplying the bulge luminosity by
a mass-to-light ratio that is provided automatically by the stellar dynamical models that give us M•.
Bulge mass is inherently less well defined than bulge luminosity. Mass-to-light ratios of old stellar
populations are uncertain; (1) the initial mass function (IMF) of star formation is poorly known; it
may vary with radius in an individual galaxy or from galaxy to galaxy; (2) stellar population age
and metallicity distributions a↵ect M/L and are famously di�cult to disentangle; one consequence
is that late stages of stellar evolution – especially asymptotic giant branch stars – a↵ect M/L but
but are poorly constrained observationally (e. g., Portinari & Into 2011). Most important of all, (4)
dark matter contributes di↵erently at di↵erent radii and probably di↵erently in di↵erent galaxies.

Graves & Faber (2010) provide an up-to-date discussion of these problems. They conclude that
all of the above are important, with stellar population e↵ects (age and metallicity) accounting for
⇠ 1/4 of the variations in optical mass-to-light ratios and some combination of IMF and dark
matter variations accounting for the rest. However, this field is unsettled; extreme points of view
are that even K-band mass-to-light ratios vary by factors of ⇠ 4 from galaxy to galaxy and that all
of this range is due to variations in IMF (Conroy & van Dokkum 2012) or contrariwise that IMFs
vary little from one place to another (Bastian, Covey, & Meyer 2010).

These problems are background worries that may yet hold unpleasant surprises, but mostly, they
are beyond the scope of this paper. The extensive work of the SAURON and ATLAS3D teams
(Cappellari et al. 2006, 2013) shows that dynamically determined I- and r-band mass-to-light ratios
are very well behaved. For 260 ATLAS3D galaxies, M/Lr / �0.69±0.04

e with an intrinsic scatter
of only 22%. Since M/LK almost inevitably varies less from galaxy to galaxy than M/Lr, this
suggests that we proceed by finding a way to estimate M/LK . In particular, we want an algorithm
that does not involve the use of uncertain e↵ective radii re. Here’s why:

Published studies often derive Mbulge dynamically from re, �e, and a virial-theorem-like relation
Mbulge = k�2

ere/G, where k is, e. g., 3 (Marconi & Hunt 2003) or 5 (Cappellari et al. 2006, 2010)
or 8 (Wolf et al. 2010). This situation is unsatisfactory; di↵erent assumptions about the density
profile are one reason why k is uncertain. Also, re values are less well measured than we think.
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Presumably these galaxies contain larger contributions of dark matter that we choose not to include.
The remaining 22 galaxies satisfy log (M/LK) = 0.287 log σe−0.637 with an RMS scatter of 0.088.
As expected, the relation is shallower than the one in r band (above). It has essentially the same
scatter of ∼ 23 %. Dynamically, M/LK = 1 at σe = 166 km s−1, where the Into & Portinari (2013)
calibration gives M/LK ≃ 0.76. Cappellari et al. (2006) argue that the difference may be due to
the inclusion of some dark matter in the dynamical models. We use the dynamical zeropoint.

To shift the Into & Portinari log M/LK values to the above, dynamical zeropoint, we first use
their Table 3 relation log M/LK = 1.055(B−V )0−1.066 to predict an initial, uncorrected M/LK .
This correlates tightly with σe: log M/LK = 0.239 log σe−0.649 with an RMS scatter of only 0.030.
We then apply the shift ∆ log M/LK = 0.1258 or a factor of 1.34 that makes the corrected Into &
Portinari mass-to-light ratio agree with the dynamic one, M/LK = 1.124, at σe = 250 km s−1.

We then have two ways to predict M/LK that are independent except for the above shift,

log M/LK = 0.2871 log σe − 0.6375; RMS = 0.088; (8)

log M/LK = 1.055(B − V )0 − 0.9402; RMS = 0.030, (9)

where we use the RMS scatter of the correlation with σe to estimate errors for the latter equation.
We adopt the mean of the mass-to-light ratios given by Equations 8 and 9. For the error estimate,
we use 0.5

√

0.0882 + 0.0302 + (half of the difference between the two log M/LK values)2. We use
the resulting M/LK together with MK,bulge to determine bulge masses. For the log Mbulge error
estimate, we add the above in quadrature to (0.2/2.5)2. The results are listed in Tables 2 and 3.

Figure 18 shows the correlation of M• with bulge mass Mbulge. A symmetric, least-squares fit
to the classical bulges and ellipticals omitting the monsters and (for consistency with M• – σe), the
emission-lime M• values for NGC 4459 and NGC 4596 plus NGC 3842 and NGC 4889 gives the
mass equivalent of Equation 6,

M•

109 M⊙
=

(

0.49+0.06
−0.05

) (

Mbulge

1011 M⊙

)1.16±0.08

; intrinsic scatter = 0.29 dex. (10)

Thus the canonical BH-to-bulge mass ratio is M•/Mbulge = 0.49+0.06
−0.05 % at Mbulge = 1011 M⊙.

This BH mass ratio at Mbulge = 1011 M⊙ is 2–4 times larger than previous values, which range
from ∼ 0.1 % (Sani et al. 2011), 0.12 % (McLure & Dunlop 2002), and 0.13+0.23

−0.08 % (Merritt &
Ferrarese 2001; Kormendy & Gebhardt 2001) to 0.23+0.20

−0.11 % (Marconi & Hunt 2003). The reasons
are clear: (1) we omit pseudobulges; these do not satisfy the tight correlations in Equations 2 – 7;
(2) we omit galaxies with M• measurements based on ionized gas dynamics that do not take broad
emission-line widths into account; (3) we omit mergers in progress. All three of these tend to have
smaller BH masses than the objects that define the above correlations. Also, the highest BH masses
occur in core ellipticals (more on these below), and these have been revised upward, sometimes by
factors of ∼ 2, by the addition of dark matter to dynamical models. Moreover, thanks to papers
like Schulze & Gebhardt (2011) and Rusli et al. (2013), we have many such objects.

The exponent in Equation 10 is slightly larger than 1, in reasonable agreement with Häring &
Rix (2004), who got M• ∝ M1.12±0.06

bulge and again a lower normalization, BH mass fraction ≃ 15 %
at Mbulge = 1011 M⊙. McConnell & Ma (2013) get a similar range of exponents from 1.05±0.11 to
1.23 ± 0.16 depending on how the bulge mass is calculated (dynamics versus stellar populations).
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Figure 1: ACS/WFC F625W images of two PG quasars in interacting host galaxies from our Cycle 12

program. The wide field of view of the WFC camera makes it possible to detect tidal tails, interacting

companions, and other structure that would have been missed with the ACS/HRC, WFPC2/PC, or

NICMOS/NIC1 or NIC2 cameras.

Figure 2: Host galaxy morphologies of low-z PG quasars, from our Cycle 12 ACS program. The AGN

point source component has been subtracted off using GALFIT, leaving the host galaxy morphology

clearly visible. Each image section is 25 25 . Three hosts are normal spirals (two of which are strongly

barred), one is an elliptical, two are spirals involved in interactions, and one (PG1613+658) is a late-stage

merger which cannot clearly be classified in the Hubble sequence. From left to right, the quasars are

PG 0804+761, 0844+349, 1211+143, 1351+640, 1411+442, 1613+658, and 1617+175.

Figure 3: Example of a GALFIT decomposition for PG 0804+761. The host galaxy is an early-type barred

spiral. From left to right, the panels are (a) the raw quasar image, (b) the host galaxy after subtracting off

the AGN point source, (c) the GALFIT host galaxy model including bulge, disk, and bar components, and

(d) residuals after subtracting off all components (shown with a much higher-contrast grayscale stretch). In

the final fit, the bulge has R = 20.3 mag and reff = 1 1.
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Fig. 7 .— Volume-weighted BH mass function in bins of 0.25
dex (# Mpc−3 log MBH

−1). The weights used are identical to
those for the luminosity function, and as above we show in the inset
the mass functions for objects targeted as galaxies (left) and QSOs
(righ t), respectively. Although we are subject to significant incom-
pleteness, we will argue below that there is truly a turnover in active
galaxy masses at both lower and higher BH masses. We have fit the
mass function with both a double power-law (dashed line) and a
log-normal function (solid line).

Additionally, as the BH mass increases, the corresponding
bulge luminosity is presumably increasing, further decreas-
ing the contrast and the S/N in the broad line.

If we could uniquely ascribe a host galaxy luminosity
and light profile to each MBH, then we could easily model
our incompleteness as a function of MBH and Lbo l/LEdd.
At high BH mass, this is in fact possible, as there is a re-
lation linking MBH and spheroid luminosity, and the fun-
damental plane tells us the typical sizes (and thus fiber
luminosities) of elliptical galaxies. However, for spiral or
dwarf spheroidal host galaxies, there ceases to be a unique
mapping between MBH and galaxy luminosity or structure.
The relation between bulge-to-total ratio and galaxy lumi-
nosity is poorly quantified and contains significant scatter
in any case. Furthermore, at lower masses, as the AGNs
become intrinsically fainter, only systems with relatively
luminous host galaxies will fall above the magnitude limit
of the SDSS. For these reasons, at low MBH the calculated
incompleteness is a strong function of the assumed (but
unconstrained) host galaxy morphology.

As a matter of practicality, then, we turn the problem
around. Rather than attempting to quantify our absolute
incompleteness as a function of MBH, we simply quan-
tify the range of host galaxy luminosities for which we
might hope to detect a BH of a given mass, LHα, and
z. Over narrow ranges in all of these parameters, neither
the line width nor the galaxy continuum strength changes
dramatically and the completeness ought to be constant
(provided the BHs are drawn from the same host galaxy
population). In such bins, with uniform completeness, we
are able to measure true changes in space density. Sim-

ulations allow us to isolate ranges of MBH, LHα, and z
with constant sensitivity to galaxy fiber luminosity. Note,
however, that in any given interval, we necessarily exclude
different members of the population as a function of MBH;
at the lowest masses we preferentially exclude those sys-
tems in faint hosts, while at the highest MBH we exclude
the higher Lbo l/LEdd systems. Therefore, we implicitly as-
sume that the distribution of MBH is uniform independent
of both disk luminosity and Eddington luminosity. With
this approach, however, we need not concern ourselves di-
rectly with host galaxy structure3 per se, but solely the
luminosity. The total host galaxy luminosity must be high
enough that the source is spectroscopically targeted, while
the fiber luminosity must be low enough to allow detection
of the broad line.

We investigate three mass regimes (MBH=105.5 − 106.4,
106 − 107, and 106.5 − 107.5 M⊙), choosing optimal z and
LHα ranges for each. Our procedure is described in most
detail for the lowest (and most challenging) mass bin, and
then results are presented for all three. In the first bin,
we are fundamentally limited by the total number of ob-
jects. Therefore, we are forced to use the lowest possible
redshift bins: z = 0.05 −0.07 and z = 0.07 −0.1. These are
bins with ≥ 10 objects per bin for the most part; at still
lower z a prohibitively large range in distance is needed
to populate each bin. In terms of LHα, the highest lu-
minosity is set by the Eddington luminosity of the lowest
mass bin, in this case 1041 ergs s−1 for a BH with mass
105.5 M⊙, while the lowest luminosity is set by the paucity
of lower-luminosity objects (1040.5 ergs s−1).

Simulations allow us to verify that the selection proba-
bility is indeed independent of host galaxy fiber luminos-
ity. We make artificial spectra in the appropriate MBH

and LHα range, with fiber galaxy luminosities spanning
−14 ≤ MB ≤ −22. The galaxy continuum is modeled as a
single stellar absorption-line system, constructed from the
eigenspectra of Yip et al. (2004), and the S/N is varied to
correspond to typical SDSS spectra over the redshift range
of interest. Five realizations are made for each galaxy lu-
minosity and S/N, and each spectrum is run through our
full detection algorithm. For those with detectable broad
Hα, we then investigate whether the galaxy luminosity is
sufficient for spectroscopic targeting in the first place. Re-
call that this limit depends on total (rather than fiber)
luminosity, but there is not a one-to-one conversion from
fiber to total luminosity; it depends on galaxy morphology
and redshift rather strongly. Therefore, we place an upper
limit on the total galaxy luminosity by insisting that the
fiber luminosity account for no less than 20% of the to-
tal galaxy luminosity (as motivated by the observed range
shown in Fig. 9 of Tremonti et al. 2004). Over the entire
range of galaxy luminosities we explore, a non-zero detec-
tion fraction results only for fiber luminosities in the range
−16 < MB < −18, but the detection fractions at a given
host luminosity are very constant across the mass range of
interest, as shown in Figure 8.

In Figure 9 a we show the resulting mass functions for
the two different redshift bins. Visually, it appears that
the space density is truly falling at low mass. To quantify

3At a given luminosity, a wide range of galaxy morphologies are permitted. Thus it is still possible to find significant differences in σ∗
(e.g., Greene & Ho 2006b) and potentially host galaxy structure (J. E. Greene, in preparation) as a function of MBH for the SDSS-selected
samples of low-mass systems.

Greene & Ho (2004, 2007a,b); Dong, Ho et al. (2012)
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spiral. From left to right, the panels are (a) the raw quasar image, (b) the host galaxy after subtracting off

the AGN point source, (c) the GALFIT host galaxy model including bulge, disk, and bar components, and

(d) residuals after subtracting off all components (shown with a much higher-contrast grayscale stretch). In

the final fit, the bulge has R = 20.3 mag and reff = 1 1.
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Additionally, as the BH mass increases, the corresponding
bulge luminosity is presumably increasing, further decreas-
ing the contrast and the S/N in the broad line.

If we could uniquely ascribe a host galaxy luminosity
and light profile to each MBH, then we could easily model
our incompleteness as a function of MBH and Lbo l/LEdd.
At high BH mass, this is in fact possible, as there is a re-
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damental plane tells us the typical sizes (and thus fiber
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in any case. Furthermore, at lower masses, as the AGNs
become intrinsically fainter, only systems with relatively
luminous host galaxies will fall above the magnitude limit
of the SDSS. For these reasons, at low MBH the calculated
incompleteness is a strong function of the assumed (but
unconstrained) host galaxy morphology.

As a matter of practicality, then, we turn the problem
around. Rather than attempting to quantify our absolute
incompleteness as a function of MBH, we simply quan-
tify the range of host galaxy luminosities for which we
might hope to detect a BH of a given mass, LHα, and
z. Over narrow ranges in all of these parameters, neither
the line width nor the galaxy continuum strength changes
dramatically and the completeness ought to be constant
(provided the BHs are drawn from the same host galaxy
population). In such bins, with uniform completeness, we
are able to measure true changes in space density. Sim-

ulations allow us to isolate ranges of MBH, LHα, and z
with constant sensitivity to galaxy fiber luminosity. Note,
however, that in any given interval, we necessarily exclude
different members of the population as a function of MBH;
at the lowest masses we preferentially exclude those sys-
tems in faint hosts, while at the highest MBH we exclude
the higher Lbo l/LEdd systems. Therefore, we implicitly as-
sume that the distribution of MBH is uniform independent
of both disk luminosity and Eddington luminosity. With
this approach, however, we need not concern ourselves di-
rectly with host galaxy structure3 per se, but solely the
luminosity. The total host galaxy luminosity must be high
enough that the source is spectroscopically targeted, while
the fiber luminosity must be low enough to allow detection
of the broad line.

We investigate three mass regimes (MBH=105.5 − 106.4,
106 − 107, and 106.5 − 107.5 M⊙), choosing optimal z and
LHα ranges for each. Our procedure is described in most
detail for the lowest (and most challenging) mass bin, and
then results are presented for all three. In the first bin,
we are fundamentally limited by the total number of ob-
jects. Therefore, we are forced to use the lowest possible
redshift bins: z = 0.05 −0.07 and z = 0.07 −0.1. These are
bins with ≥ 10 objects per bin for the most part; at still
lower z a prohibitively large range in distance is needed
to populate each bin. In terms of LHα, the highest lu-
minosity is set by the Eddington luminosity of the lowest
mass bin, in this case 1041 ergs s−1 for a BH with mass
105.5 M⊙, while the lowest luminosity is set by the paucity
of lower-luminosity objects (1040.5 ergs s−1).

Simulations allow us to verify that the selection proba-
bility is indeed independent of host galaxy fiber luminos-
ity. We make artificial spectra in the appropriate MBH

and LHα range, with fiber galaxy luminosities spanning
−14 ≤ MB ≤ −22. The galaxy continuum is modeled as a
single stellar absorption-line system, constructed from the
eigenspectra of Yip et al. (2004), and the S/N is varied to
correspond to typical SDSS spectra over the redshift range
of interest. Five realizations are made for each galaxy lu-
minosity and S/N, and each spectrum is run through our
full detection algorithm. For those with detectable broad
Hα, we then investigate whether the galaxy luminosity is
sufficient for spectroscopic targeting in the first place. Re-
call that this limit depends on total (rather than fiber)
luminosity, but there is not a one-to-one conversion from
fiber to total luminosity; it depends on galaxy morphology
and redshift rather strongly. Therefore, we place an upper
limit on the total galaxy luminosity by insisting that the
fiber luminosity account for no less than 20% of the to-
tal galaxy luminosity (as motivated by the observed range
shown in Fig. 9 of Tremonti et al. 2004). Over the entire
range of galaxy luminosities we explore, a non-zero detec-
tion fraction results only for fiber luminosities in the range
−16 < MB < −18, but the detection fractions at a given
host luminosity are very constant across the mass range of
interest, as shown in Figure 8.

In Figure 9 a we show the resulting mass functions for
the two different redshift bins. Visually, it appears that
the space density is truly falling at low mass. To quantify

3At a given luminosity, a wide range of galaxy morphologies are permitted. Thus it is still possible to find significant differences in σ∗
(e.g., Greene & Ho 2006b) and potentially host galaxy structure (J. E. Greene, in preparation) as a function of MBH for the SDSS-selected
samples of low-mass systems.

Greene & Ho (2004, 2007a,b); Dong, Ho et al. (2012)

HST/ACS Greene, Ho & Barth (2008); Jiang, Greene & Ho  (2011a, b)
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Complications:  variability
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Bolometric Corrections

Lbol = 𝜅x  Lx

x  =  5100 Ang  
        2−10 keV
        [O III] 5007
         etc …

𝜅x  is not a constant !
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The soft X-ray excess in AGN 1853

4 MO D E L L I N G T H E SE D O F A N L S 1 :
R E J 0 1 3 4+3 9 6

While this gives a model for the soft excess, there is also higher
energy emission above 2 keV (see Fig. 3). The energy to power this
must also ultimately be derived from mass accretion, so we assume
that some fraction, f pl, of the energy dissipated from rcorona to risco

powers this high-energy Comptonization component. We model this
using NTHCOMP code in XSPEC (Zdziarski et al. 1996), again setting
the seed photon temperature equal to that of the (colour temperature
corrected) blackbody from the disc at rcorona.

Thus the full model contains three distinct spectral components,
but these are all powered by the energy released by a single accre-
tion flow of constant mass accretion rate, Ṁ , on to the black hole of
mass M. The outer disc emission is the colour temperature corrected
blackbody emission from rout to rcorona, where f col is only applied on
annuli with temperature T > Tscatt. A fraction f pl of the remaining
energy emitted as the mass accretes from rcorona to risco is emitted
as the high-energy (above 2 keV) Comptonization, characterized by
a power law of photon index ! and electron temperature fixed at
100 keV, while the remaining fraction (1 − f pl) is emitted as low
temperature, optically thick Comptonization of the disc emission,
parametrized by kTe and τ . Fig. 5 shows a schematic of these three
regions, together with their spectra. We call this full model OPTXAGN,
and have made it publicly available as a local model for the XSPEC

spectral fitting package (Arnaud 1996). We also include an addi-
tional model, OPTXAGNF, incorporating the approximate f col(Tmax)
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Figure 5. A schematic of the model geometry and resultant spectra, with
outer disc (red) which emits as a (colour temperature corrected) black-
body, and an inner disc (green) where the emission is instead Compton
upscattered (perhaps by bulk turbulent motion in the disc, or by there being
more dissipation in the effective photosphere than assumed in the standard
Shakura–Sunyaev vertical dissipation profile). Some fraction of the energy
is also Compton upscattered in a corona (blue) to produce the power-law
tail to high energies.

relationship of equations (1) and (2). In both versions, the overall
normalization is set explicitly by the model parameters, so the nor-
malization must be frozen to unity. Inclination angle could change
this by a factor of ∼2 (see e.g. Hubeny et al. 2001), but this is
beyond the scope of the model.

We fit the full model to the broad-band spectral energy distri-
bution (SED) assembled by J11a, including absorption by two gas
columns, one fixed at the Galactic value along the line of sight and
the other allowed to be free to model intrinsic absorption associ-
ated with the host galaxy and/or nucleus. Each of these two gas
columns is assumed to have a standard gas to dust ratio, E(B −
V) = 1.7(NH/1022 cm−2), producing optical reddening which is tied
to the X-ray absorption (see J11a).

We allow a range of black hole mass, corresponding to the
FWHM of the intermediate and broad components of Hβ (918
and 4400 km s−1 giving 1.2 × 106 < M < 2.9 × 107 M⊙, respec-
tively), Fig. 6 shows the best-fitting, absorption corrected, model
together with the data for REJ1034+396 assuming f col = 1 (black,
as assumed in J11a) and for f col = 2.4, Tscatt = 105 K (magenta, as in
Fig. 1). We show the full optical/UV SED points from J11a but only
include the highest frequency UV point in the fit (XMM–Newton
OM UVW2) as the continuum emission has a very different spec-
trum to that expected from a disc even in the UV (Casebeer et al.
2006). This is probably due to there being an additional continuum
component, most probably starlight contamination from the host
galaxy (Sani et al. 2010).

Fig. 6 shows that the models differ in the unobservable EUV
regime, but both are consistent with the UV flux limits for the disc
emission, and both fit the soft X-ray data well, with best-fitting
parameters given in Table 1. The spectral slope of the soft X-ray
excess sets the Comptonization parameters, kTe and τ , and extends
down to the seed photon energy, set by the inner disc tempera-
ture at rcorona. This is where the luminosity peaks for a steep soft
X-ray excess, and so the substantially higher seed photon
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Figure 6. The XMM–Newton X-ray (red) and Optical Monitor (blue) data
from RE J1034+396, together with (non-simultaneous) Sloan Digital Sky
Survey optical continuum points (green) from J11a. These are shown (ab-
sorption corrected) with the best-fitting models with f col = 1.0 (black) and
2.6 (magenta). The fit only includes the highest frequency UV (UVW2)
point as Hubble Space Telescope data show that the disc only dominates in
the far-UV. The models differ mainly in the unobservable EUV, but L/LEdd
differs only by a factor of 2 and all other model parameters are similar (see
Table 1).
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While this gives a model for the soft excess, there is also higher
energy emission above 2 keV (see Fig. 3). The energy to power this
must also ultimately be derived from mass accretion, so we assume
that some fraction, f pl, of the energy dissipated from rcorona to risco

powers this high-energy Comptonization component. We model this
using NTHCOMP code in XSPEC (Zdziarski et al. 1996), again setting
the seed photon temperature equal to that of the (colour temperature
corrected) blackbody from the disc at rcorona.

Thus the full model contains three distinct spectral components,
but these are all powered by the energy released by a single accre-
tion flow of constant mass accretion rate, Ṁ , on to the black hole of
mass M. The outer disc emission is the colour temperature corrected
blackbody emission from rout to rcorona, where f col is only applied on
annuli with temperature T > Tscatt. A fraction f pl of the remaining
energy emitted as the mass accretes from rcorona to risco is emitted
as the high-energy (above 2 keV) Comptonization, characterized by
a power law of photon index ! and electron temperature fixed at
100 keV, while the remaining fraction (1 − f pl) is emitted as low
temperature, optically thick Comptonization of the disc emission,
parametrized by kTe and τ . Fig. 5 shows a schematic of these three
regions, together with their spectra. We call this full model OPTXAGN,
and have made it publicly available as a local model for the XSPEC

spectral fitting package (Arnaud 1996). We also include an addi-
tional model, OPTXAGNF, incorporating the approximate f col(Tmax)
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Figure 5. A schematic of the model geometry and resultant spectra, with
outer disc (red) which emits as a (colour temperature corrected) black-
body, and an inner disc (green) where the emission is instead Compton
upscattered (perhaps by bulk turbulent motion in the disc, or by there being
more dissipation in the effective photosphere than assumed in the standard
Shakura–Sunyaev vertical dissipation profile). Some fraction of the energy
is also Compton upscattered in a corona (blue) to produce the power-law
tail to high energies.

relationship of equations (1) and (2). In both versions, the overall
normalization is set explicitly by the model parameters, so the nor-
malization must be frozen to unity. Inclination angle could change
this by a factor of ∼2 (see e.g. Hubeny et al. 2001), but this is
beyond the scope of the model.

We fit the full model to the broad-band spectral energy distri-
bution (SED) assembled by J11a, including absorption by two gas
columns, one fixed at the Galactic value along the line of sight and
the other allowed to be free to model intrinsic absorption associ-
ated with the host galaxy and/or nucleus. Each of these two gas
columns is assumed to have a standard gas to dust ratio, E(B −
V) = 1.7(NH/1022 cm−2), producing optical reddening which is tied
to the X-ray absorption (see J11a).

We allow a range of black hole mass, corresponding to the
FWHM of the intermediate and broad components of Hβ (918
and 4400 km s−1 giving 1.2 × 106 < M < 2.9 × 107 M⊙, respec-
tively), Fig. 6 shows the best-fitting, absorption corrected, model
together with the data for REJ1034+396 assuming f col = 1 (black,
as assumed in J11a) and for f col = 2.4, Tscatt = 105 K (magenta, as in
Fig. 1). We show the full optical/UV SED points from J11a but only
include the highest frequency UV point in the fit (XMM–Newton
OM UVW2) as the continuum emission has a very different spec-
trum to that expected from a disc even in the UV (Casebeer et al.
2006). This is probably due to there being an additional continuum
component, most probably starlight contamination from the host
galaxy (Sani et al. 2010).

Fig. 6 shows that the models differ in the unobservable EUV
regime, but both are consistent with the UV flux limits for the disc
emission, and both fit the soft X-ray data well, with best-fitting
parameters given in Table 1. The spectral slope of the soft X-ray
excess sets the Comptonization parameters, kTe and τ , and extends
down to the seed photon energy, set by the inner disc tempera-
ture at rcorona. This is where the luminosity peaks for a steep soft
X-ray excess, and so the substantially higher seed photon
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Figure 6. The XMM–Newton X-ray (red) and Optical Monitor (blue) data
from RE J1034+396, together with (non-simultaneous) Sloan Digital Sky
Survey optical continuum points (green) from J11a. These are shown (ab-
sorption corrected) with the best-fitting models with f col = 1.0 (black) and
2.6 (magenta). The fit only includes the highest frequency UV (UVW2)
point as Hubble Space Telescope data show that the disc only dominates in
the far-UV. The models differ mainly in the unobservable EUV, but L/LEdd
differs only by a factor of 2 and all other model parameters are similar (see
Table 1).
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While this gives a model for the soft excess, there is also higher
energy emission above 2 keV (see Fig. 3). The energy to power this
must also ultimately be derived from mass accretion, so we assume
that some fraction, f pl, of the energy dissipated from rcorona to risco

powers this high-energy Comptonization component. We model this
using NTHCOMP code in XSPEC (Zdziarski et al. 1996), again setting
the seed photon temperature equal to that of the (colour temperature
corrected) blackbody from the disc at rcorona.

Thus the full model contains three distinct spectral components,
but these are all powered by the energy released by a single accre-
tion flow of constant mass accretion rate, Ṁ , on to the black hole of
mass M. The outer disc emission is the colour temperature corrected
blackbody emission from rout to rcorona, where f col is only applied on
annuli with temperature T > Tscatt. A fraction f pl of the remaining
energy emitted as the mass accretes from rcorona to risco is emitted
as the high-energy (above 2 keV) Comptonization, characterized by
a power law of photon index ! and electron temperature fixed at
100 keV, while the remaining fraction (1 − f pl) is emitted as low
temperature, optically thick Comptonization of the disc emission,
parametrized by kTe and τ . Fig. 5 shows a schematic of these three
regions, together with their spectra. We call this full model OPTXAGN,
and have made it publicly available as a local model for the XSPEC

spectral fitting package (Arnaud 1996). We also include an addi-
tional model, OPTXAGNF, incorporating the approximate f col(Tmax)
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Figure 5. A schematic of the model geometry and resultant spectra, with
outer disc (red) which emits as a (colour temperature corrected) black-
body, and an inner disc (green) where the emission is instead Compton
upscattered (perhaps by bulk turbulent motion in the disc, or by there being
more dissipation in the effective photosphere than assumed in the standard
Shakura–Sunyaev vertical dissipation profile). Some fraction of the energy
is also Compton upscattered in a corona (blue) to produce the power-law
tail to high energies.

relationship of equations (1) and (2). In both versions, the overall
normalization is set explicitly by the model parameters, so the nor-
malization must be frozen to unity. Inclination angle could change
this by a factor of ∼2 (see e.g. Hubeny et al. 2001), but this is
beyond the scope of the model.

We fit the full model to the broad-band spectral energy distri-
bution (SED) assembled by J11a, including absorption by two gas
columns, one fixed at the Galactic value along the line of sight and
the other allowed to be free to model intrinsic absorption associ-
ated with the host galaxy and/or nucleus. Each of these two gas
columns is assumed to have a standard gas to dust ratio, E(B −
V) = 1.7(NH/1022 cm−2), producing optical reddening which is tied
to the X-ray absorption (see J11a).

We allow a range of black hole mass, corresponding to the
FWHM of the intermediate and broad components of Hβ (918
and 4400 km s−1 giving 1.2 × 106 < M < 2.9 × 107 M⊙, respec-
tively), Fig. 6 shows the best-fitting, absorption corrected, model
together with the data for REJ1034+396 assuming f col = 1 (black,
as assumed in J11a) and for f col = 2.4, Tscatt = 105 K (magenta, as in
Fig. 1). We show the full optical/UV SED points from J11a but only
include the highest frequency UV point in the fit (XMM–Newton
OM UVW2) as the continuum emission has a very different spec-
trum to that expected from a disc even in the UV (Casebeer et al.
2006). This is probably due to there being an additional continuum
component, most probably starlight contamination from the host
galaxy (Sani et al. 2010).

Fig. 6 shows that the models differ in the unobservable EUV
regime, but both are consistent with the UV flux limits for the disc
emission, and both fit the soft X-ray data well, with best-fitting
parameters given in Table 1. The spectral slope of the soft X-ray
excess sets the Comptonization parameters, kTe and τ , and extends
down to the seed photon energy, set by the inner disc tempera-
ture at rcorona. This is where the luminosity peaks for a steep soft
X-ray excess, and so the substantially higher seed photon
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Figure 6. The XMM–Newton X-ray (red) and Optical Monitor (blue) data
from RE J1034+396, together with (non-simultaneous) Sloan Digital Sky
Survey optical continuum points (green) from J11a. These are shown (ab-
sorption corrected) with the best-fitting models with f col = 1.0 (black) and
2.6 (magenta). The fit only includes the highest frequency UV (UVW2)
point as Hubble Space Telescope data show that the disc only dominates in
the far-UV. The models differ mainly in the unobservable EUV, but L/LEdd
differs only by a factor of 2 and all other model parameters are similar (see
Table 1).
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log (l2500Ȧ / erg s−1 Hz−1)

α
o
x

Steffen et al. (2006)

Desroches, Greene & Ho (2009)
Dong, Greene & Ho (2012)   slim disks? 

   X-ray weak? 



          m          ●
   = 0.1

1

10
100

W
ang et al. (1999)

M
ineshige et al. (2000)

          m          ●
   = 1

10

1000

100

M• ≈  105 M⊙

slim

thin

27 29 31 33

−2.1

−1.8

−1.5

−1.2

−0.9
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